Chapter 12

Pre-supernova evolution of massive stars

We have seen that low- and intermediate-mass stars (with masses«up ) develop carbon-
oxygen cores that become degenerate after central He burning.dksagquence the maximum core
temperature reached in these stars is smaller than the temperature requigtddm fusion. During
the latest stages of evolution on the AGB these stars undergo strong nmmsghiok removes the
remaining envelope, so that their final remnants are C-O white dwarfs.

The evolution ofmassive stars is different in two important ways:

e They reach a diiciently high temperature in their cores x10? K) to underganon-degenerate
carbon ignition (see Fig. 12.1). This requires a certain minimum mass for the CO core after
central He burning, which detailed evolution models puMalo_core > 1.06 My. Only stars
with initial masses above a certain limit, often denoted/gg in the literature, reach this criti-
cal core mass. The value bfy, is somewhat uncertain, mainly due to uncertainties related to
mixing (e.g. convective overshooting), but is approximatei8

Stars with masses above the lifMt,. ~ 11 Mg, also ignite and burn fuels heavier than carbon
until an Fe core is formed which collapses and causes a supernovaierpld/e will explore
the evolution of the cores of massive stars through carbon burning, tine formation of an
iron core, in the second part of this chapter.

e For masseM 2 15M,, mass loss by stellar winds becomes important during all evolution
phases, including the main sequence. For masses abdvig 8te mass-loss ratdd are so
large that the timescale for mass logg, = M/M, becomes smaller than the nuclear timescale
Thuee Therefore mass loss has a very significaffiéeat on their evolution. The stellar wind
mechanisms involved are in many cases not well understood, seltisatften quite uncertain.
This introduces substantial uncertainties in massive star evolution. fidget ef mass loss on
massive star evolution is discussed in the first part of this chapter.

12.1 Stellar wind mass loss

Observations in the ultraviolet and infrared part of the spectrum shawthanous stars, with masses
above about 1M, undergo rapid mass outflows (stellar winds) that gradually erode thigr laty-
ers. An empirical formula that fits the average observed mass-loss fasts® of roughly solar
metallicity in the upper part of the HR diagrarm £ 10° L) was derived by De Jager and others in
1988:

log(-M) ~ —8.16+ 1.77 Iog(LL) -1.68 Iog(%ﬁ) (in Mg/yr). (12.1)
0}
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Figure 12.1. Evolution tracks in the HR diagram (left panel) and in thedggdog T, diagram (right panel) for
stars withZ = 0.02 andM = 10, 15 and 2%, computed with a moderate amount of overshooting. The $rack
end when carbon is ignited in the centre, under non-degenesaditions.

For example, for the 2Bl star depicted in Fig. 12.1 you can check by estimatimyndTes from the
graph that this implies a mass loss ok3.0°8 M/yr at the ZAMS, increasing up t0:6 1077 My/yr
at the end of the main sequence. By the end of the evolution track, whetathe a red supergiant,
the mass-loss rate implied by the above formula has increasex 105 M/yr.

The observed strong mass loss is probably causedftgrefit mechanisms in fierent parts of
the HR diagram.

Radiation-driven stellar winds

Hot, luminous stars (OB-type main-sequence starsbaumlsupergiants, BSG) undergo a fasadia-
tion-driven stellar wind. Radiation pressure at frequencies corresponding to absorptionHities
spectrum, where the interaction between photons and matter is strongs aausdward acceleration.
An upper limit to the mass-loss rate that can be driven by radiation is obtajnassiiming that the
photons transfer their entire momentum to the outflowing matter:

. L
MVDO < E (122)

wherev,, is the terminal wind velocity at large distance from the star (‘infinity’). A typicalue
of the terminal velocity is about three times the escape velogityy 3vesc (@bout 1000-3000 kra
for O-type stars). Comparing the mass-loss rates from eq. (12.1) witlpghex limit shows that the
empirical rates are indeed smaller, but only by a fact8itd 1/6: apparently momentum is transferred
quite dficiently from the photons to the wind. This can be attributed to the acceleratitve @find:
the associated Doppler broadening of the spectral lines means a largétparflux can be used (the
outflowing atoms can absorb photons of figtient, higher frequency as they get accelerated). This is
a positive feedback mechanism that reinforces the wind driving.

The theory for radiation-driven winds is quite well developed, but thertitecal predictions for
M are uncertain due to inhomogeneities in the wind (‘clumping’). The uncertamping factor
also dfects the mass-loss rates inferred from observations, and currenttestamatypically a factor
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~ 3 lower than the the empirical rate of eq. (12.1). Radiation-driven masssl@sso dependent on
metallicity, because it is mostly the lines of the heavier elements that contribute toefuilimg. A
dependencé! « Z%7 has been inferred both theoretically and from observations.

Red supergiant mass loss

Cool, luminous stars known aed supergiants (RSG) undergo a slow but copious stellar wind that
is probably driven by the same mechanism as the ‘superwind’ of AGB: stax@mbination of stellar
pulsations and radiation pressure on dust particles that form in the ctesl@mosphere. There are
no theoretical predictions, so we must rely on observations which implyhighyvalues oM up to
10~4Mo/yr (eq. 12.1).

Stars withM < 40M,, spend a large fraction of thetore He-burning phase as red supergiants.
During this phase a large part or even the entire envelope can be aiepbby the wind, exposing
the helium core of the star as a Wolf-Rayet (WR) star (see Sect. 12.1.2).

12.1.1 The Humphreys-Davidson limit and luminous blue varibles

Observations of the most luminous stars in our Galaxy and in the Magellanid€have revealed a
clear upper limit to stellar luminosities that depends on fffiecéive temperature (see Fig. 12.2). In
particular there are no red supergiants in HR diagram withHdg{) > 5.8, which corresponds to the
expected RSG luminosity of a star of ¥Q,. Apparently stars wittM > 40M, do not become red
supergiants.

The upper limit in the HRD is known as theéumphreys-Davidson limit after its discoverers,
Roberta Humphreys and Kris Davidson. Bg above 10000 K the maximum luminosity increases
gradually to logl/Ly) = 6.8 at 40 000K (O stars).

The existence of the HD limit is interpreted as a (generalized) Eddington limit. Wedeen in
Sec. 5.4 that when the luminosity of a star exceeds the classical Eddingtorelimi.88),

4ncGM
LEdd = , (12.3)

Ke
wherexe is the electron-scattering opacity, the outward force due to radiationuypeess the free
electrons exceeds the gravitational force (on the nuclei) inwards. [€b&astatic coupling between

B L L B B L B B B Figure 12.2. The HRD of
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electrons and ions means that the outer layers are accelerated outmdtids star becomes unstable.
However, theactual opacity in the atmosphere is larger than the electron-scattering opacity, and
decreases with temperature. Therefore the luminosity at which the radpagsadure limit is reached

is lower than the classical Eddington limit, and the decrease of the HD limit witledsitrgT o can

be explained at least qualitatively by thi$ezt.

Luminous stars located near the HD limit are indeed observed to be venblamsiadergoing
large excursions in the HRD and episodic mass loss Witk 103 Mo/yr during outbursts. These
stars are known dsiminous blue variables (LBVs), examples of which in our Galaxy areCarinae
and P Cygni. The remnants of the vigorous mass loss episodes are sgsuasstellar nebulae,
which in the extreme case gfCar containss 10M,, ejected during an outburst in the mid-1800s.
The nebula is considerably enriched in nitrogen, showing that the layecegsed by CNO-cycling
are being ejected. Stars losing mass due to LBV outbursts are destineaindisblf-Rayet stars.
The strong LBV mass loss prevents them from ever becoming red sumtstgia

12.1.2 Wolf-Rayet stars

Wolf-Rayet (WR) stars are hot, very luminous stars with bright emission Iiméeir spectra. The
emission indicates very strong, optically thick stellar winds, with mass-loss oétles ~ 107> —
104 My/yr. They are often surrounded by circumstellar nebulae of ejected mafEniawinds are
probably driven by radiation pressure as for O stars, but multiple ptsatatiering in the optically
thick outflow can increase the mass-loss rate to well above the single-sealimit (eq. 12.2).

The spectra of WR stars reveal increased CNO abundances, indittairthey are the exposed
H- or He-burning cores of massive stars. On the basis of the suffarelances they are classified
into several subtypes:

WNL stars have hydrogen present on their surfaces (ith< 0.4) and increased He and N abun-
dances, consistent with equilibrium values from the CNO-cycle

WNE stars are similar to WNL stars in terms of their He and N abundances, but they lalrkhdan
(X =0)

WC stars have no hydrogen, little or no N, and increased He, C and O abund@uwesstent with
partial He-burning)

WO stars are similar to WC stars with strongly increased O abundances (as expectedafrly
complete He burning)

This is interpreted as avolutionary sequence of exposure of deeper and deeper layers, as a massive
star is peeledfbto a larger and larger extent by mass loss (see Sec. 12.2).

12.2 Evolution of massive stars with mass loss in the HR diagram

Fig. 12.3 shows evolution tracks in the HRD for massive stars calculated with loss at metallicity
Z = 0.02. As revealed by this figure, the evolutionary journey of a massivatstargh the HRD can
be rather complicated. Evolution proceeds at nearly constant luminosiigube massive stars do
not develop degenerate cores and most of the mass is in radiative eqguililbtawever, the evolution
track shows several left-right excursions and loops which depetiteomass of the star. The relation
between the theoretical evolution tracks and the zoo of observed typesssive star encountered in
Sec. 12.1 is described by the followiegolution scenario, originally proposed by Peter Conti:
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Figure 12.3. Evolution tracks of massive stars (2220M,) calculated with mass loss and a moderate amount
of convective overshooting @5Hp). The shaded regions correspond to long-lived evoluticeisph on the
main sequence, and during core He burning as a RSG (ai4og 4.0) or as a WR star (at 100 > 4.8).
Stars with initial masv > 40M, are assumed to lose their entire envelope due to LBV episadgsnever
become RSGs. Figure from Maeder & Meynet (1987, A&A 182, 243)

M < 15Mg MS (OB) — RSG (- BSG in blue loop?» RSG)— SN II
mass loss is relatively unimportariifew Mg, is lost during entire evolution

15Mp; £ M <25My MS (0O)—» BSG— RSG— SN I
mass loss is strong during the RSG phase, but not strong enough to remove
the whole H-rich envelope

25My <M <40M, MS (0O)— BSG— RSG— WNL —» WNE - WC — SN Ib
the H-rich envelope is removed during the RSG stage, turning the star into a
WR star

M = 40Mg MS (O) » BSG— LBV — WNL —» WNE — WC — SN Ib/c
an LBV phase blowsft the envelope before the RSG can be reached

The limiting masses given above are only indicative, and approximately apphassive stars of
Population | composition ~ 0.02). Since mass-loss rates decrease with decredsitite mass
limits are higher for stars of lower metallicity. The relation of the final evolutiogesta the supernova
types indicated above will be discussed in Chapter 13.

The scenario for the most massive stars is illustrated in Fig. 12.4 fol\6&ar. After about
3.5 Myr, while the star is still on the main sequence, mass loss exposes latdiaherly belonged
to the (large) convective core. Thus CNO-cycling products (nitroge@yevealed, and the surface
He abundance increases at the expense of H. During the very $lase petween central H and He
burning ¢ = 3.7 Myr), severalM, are rapidly lost in an LBV phase. During the first part of core
He burning (3.7 — 3.9 Myr) the star appears as a WNL star, and subgggas a WNE star (3.9 —
4.1 Myr) after mass loss has removed the last H-rich layers outside thertiigshell. After 4.1 Myr
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material that was formerly in the He-burning convective core is expasihe gurface: N, which was
consumed in He-burning reactions, disappears while the products btithég, C and O, appear.
The last 0.2 Myr of evolution this star spends as a WC star.

In general, mass-loss rates during all evolution phases increase with staltg, resulting in
timescales for mass loss that are less that the nuclear timescadie 2080 M,. As a result, there
is aconvergence of the final (pre-supernova) masses-t® — 10Mg. However, this &ect is much
diminished for metal-poor stars because the mass-loss rates are genaratlgttow metallicity.

12.3 Advanced evolution of massive stars

The evolution of the surface properties described in the previous secdtiioesponds to the hydrogen
and helium burning phases of massive stars. Once a carbon-oxygehas formed after He burning,
which is massive enough-(1.06 M) to undergo carbon ignition, the subsequent evolution of the
core is a series of alternating nuclear burning and core contraction cyclesdhk succession (see
Fig. 12.5). The overall evolution trend is an increase of central temperand central density,
roughly following T. « pc'/3 as expected from homologous contraction in our schematic evolution
picture (Chapter 8). For central temperaturesx 108 K, the evolution tracks deviate from this trend,
sloping towards somewhat higheyand lowerT.. This is the result of cooling of the core by strong
neutrino emission (see Sect 12.3.1).

The main &ect of neutrino energy losses, however, is not visible in Fig. 12.5: thegdsup the
evolution of the core enormously. Less than a few thousand years g@gsdn the onset of carbon
burning until the formation of an iron core. During this time the mass of the C+® reanains fixed.
Furthermore, the stellanvelope hardly has time to respond to the rapid changes in the core, with the
consequence that the evolution of the envelope is practically disconrfemtedhat of the core. As
a result the position of a massive star in the HR diagram remains almost gechduaring carbon
burning and beyond. We can thus concentrate on the evolution of thefctire star from this point
onwards.
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Figure 12.5. Evolution of central temperature and density ofM5 and 25M, stars aZ = 0.02 through all
nuclear burning stages up to iron-core collapse. The ddsiesthdicated where electrons become degenerate,
and the dash-dotted line shows where electrons becomaistlat(e, ~ m.c?). The dotted line and arrow in-
dicates the trendl; « p.Y/® that is expected from homologous contraction. Non-moriotgmon-homologous)
behaviour is seen whenever nuclear fuels are ignited anenaective core is formed. Figure adapted from
Woosley, Heger & Weaver (2002, Rev. Mod. Ph. 74, 1015).

12.3.1 Evolution with significant neutrino losses

In Sect. 6.5 we discussed several weak interaction processes thiairepontaneous neutrino emis-
sion at high temperatures and densities, such as photo-neutrinos, plaatriaes and pair annihila-
tion neutrinos. When the central temperature exceefis 10° K, these neutrino losses are the most
importantenergy leak from the stellar centre, taking away energy much more rapidly than photon
diffusion or even convection can transport it to the surface. From this poimards the neutrino
luminosity from the core far exceeds the luminosity radiated from surfgce; L.

The dependence of the nuclear energy generatiorzfatand the neutrino loss ratg on temper-
ature are depicted in Fig. 12.6, for the centre of a typical massive stdolliosving an evolution track
approximating those shown in Fig. 12.5). Bettande,c increase strongly with temperature, but the
T-dependence af,cis larger than that of,. During nuclear burning cycles energy production and
neutrino cooling are in balancey, = ¢€,, and this condition (the intersection of the two lines) defines
the temperature at which burning takes place.

During each nuclear burning phade,,c = Enue ~ L,, which thus results in a much shorter
nuclear timescale than if neutrino losses were abseqnis = Enuc/Ly < Enye/L. Similarly, in
between burning cycles the rate of core contraction (on the thermal timespaleds upEgr ~ L,
so thatryy = Eg/L, < Eg/L. Therefore the evolution of the core speeds up enormously, at an
accelerating rate as the core continues to contract and heat up. The libét@aeh nuclear burning
stage can be estimated from Fig. 12.6 by approximatig~ 9/enuc, Whereq is the energy gain per
unit mass from nuclear burning (4.0, 1.1, 5.0 and 19 x 10" ergqg for C-, Ne-, O- and Si-burning,

!Note that becausg,. is a steeper function df thane,, nuclear burning is stable also in the presence of neutrino losses:
a small perturbatiodT > 0 would increase the local heat conteqt.{ > €,), leading to expansion and cooling of the core
until thermal equilibrium is re-established.
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Figure 12.6. Energy generation rate and neutrino loss rate during tharaehd evolution of a massive star.

The stellar center is assumed to follow a track approxingativat shown in Fig. 12.5. The intersections of
the nuclear burning lines with the neutrino loss line deftreliurning temperature of the corresponding fuel.
Figure from Woosley, Heger & Weaver (2002).

respectively) andp, is the energy generated per gram and per second at the intersectias imith
Fig. 12.6. Thus the lifetime ranges from several §ars for C-burning to about a day for Si-burning!

12.3.2 Nuclear burning cycles: carbon burning and beyond

When the temperature in the contracting C-O core reache8 % 10% K (depending on the mass of
the core), carbon is the first nuclear fuel to be ignited. The reaction$vew in carbon burning and
further nuclear burning cycles were treated in Sec. 6.4.3. In the follogéotons we briefly review
these and discuss the consequences for the structure and evolutierstdrthA typical example of
the interior evolution is shown in Fig. 12.7 for a I&, star, and the corresponding stellar properties
are given in Table 12.1.

Table 12.1. Properties of nuclear burning stages in aMbstar (from Woosley et al. 2002).

burning stage T (1°K) p (g/cm®)  fuel main products timescale
hydrogen 0.035 5.8 H He Ax 107 yr
helium 0.18 14x10° He C,0 20x 10° yr
carbon 0.83 2Ax10° C O, Ne 20x 10°yr
neon 1.6 2x10F Ne 0, Mg 0.7yr
oxygen 1.9 &x10° O,Mg SiS 2.6yr
silicon 3.3 43x 10" Si,S  Fe, Ni 18d
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Carbon burning

Carbon burning proceeds via th&C + 12C reaction, which produces a mixture of products, mainly
2ONe and somé*Mg. Most of the energy produced escapes in the form of neutrinosalgch small
fraction is carried away by photons. In stars with masses up to abddg 208e photon luminosity is
large enough to produce a convective core (as shown in Fig. 12.Bpot 8.5M. In more massive
stars carbon burns radiatively, because the intfi@l abundance is smaller and the luminosity not
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Figure 12.7. Kippenhahn diagram of the evolution of alif star showing convective regions (cross-hatching)
and nuclear burning intensity (blue shading) during cémirand He burning (top panel) and during the late
stages in the inner B, of the star (bottom panel). A complicated series of convecltiurning cores and
shells appear, due to respectively carbon burning (aroegich 3), neon burning (around ldg~ 0.6), oxygen
burning (around log ~ 0) and silicon burning (around ldg~ —2). Figure from Woosley, Heger & Weaver
(2002.)
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carried away by neutrinos can all be transported by radiation. Théiauef the C-burning phase is
of the order of 18yrs. It should be noted that these results are sensitive to the uncettif the
12C(a, ¥)*®0 rate, which determines théC abundance left after He-burning — a lower rate will leave
more?C to be burned and this increases both the size of the convective cotieeadidration of the
C-burning phase.

Following carbon exhaustion in the centre, the core — which is now compuoestly of O and
Ne — contracts on its neutrino-accelerated Kelvin-Helmholtz timescale andrchuoning continues
in a convective shell around this core. Several such convectivetshaing episodes can occur in
succession, as shown in Fig. 12.7, their number depending on the masst#rthTr he discrete nature
of these shell burning events can also produce a discrete (discorgjraependence of the final state
of the core on the initial stellar mass.

In stars with masses up to about M} (C-O core masses less than 1N38) carbon burning
proceeds somewhatftirently. The C-O core becomes partially degenerate and neutrino Idsses e
fectively cool the centre of the star, so that carbon does not ignite inethieecbut in an fi-centre
shell in a mildly degenerate flash (analogous to, but much less violent thatetfiash in low-mass
stars). After one or more of these mild carbon flashes the burning frome¢sno the centre and
stable carbon burning in a convective core follows. After carbonibgrrthe O-Ne core becomes
degenerate and no further nuclear fuels are ignited. The structuressf gitars is then very similar to
those of AGB stars with degenerate CO cores, discussed in Ch. 11luemndtars have been named
super-AGB stars. The fate of such stars is uncertain and depends on whether the CréNearoreach
the Chandrasekhar limit by shell burning. If this is the case the core elgntollapses, producing a
supernova explosion. On the other hand, if mass loss is strong enouwgghdoe the envelope before
the Chandrasekhar limit is reached, the final remnant is a O-Ne white.dwarf

Neon and oxygen burning

In stars with masses 11 M, once the temperature in the contracting O-Ne core reaghes<10° K
neon is ‘burned’ into oxygen and magnesium by a combination of phototeligation andv-capture
reactions (Sec. 6.4.3). Neon burning always occurs in a convectieeregardless of stellar mass. By
this time increased neutrino losses have accelerated the rate of evolutidadbgra- 10° compared
to the carbon-burning phase (see Fig. 12.6). The duration of thelmeoing phase is therefore very
short, of order 1 year. Neon burning then shifts to a shell, as was tedaasarbon burning, but in
this case the time left until the next fuel is ignited is so short that no signifeait burning occurs.

WhenTg ~ 2.0 oxygen is ignited in the core by means of #i@+ 150 reaction, producing mostly
283 and®?s with a significant admixture of other isotopes (see below). Oxygen matéo occurs in
a convective core, with a typical mass-0fL.0 M, (see Fig. 12.7). The duration is somewhat longer
than that of neon burning, of order 1 year, despite the higher neutrgsorége at this stage. The
reasons for this longer duration are the large oxygen mass fraetifr7, and the large energy gain
per gram compared to Ne burning. Similar to carbon burning, after centyglen burning a number
of convective oxygen-burning shells appears in quick successigrhiB point the remaining time
until core collapse< 1yr) is so short that the overlying helium- and carbon-burning shellsirema
frozen into the stellar structure.

Apart from28Si and®?S, oxygen burning produces several neutron-rich nuclei suéfSas®>S
and3’Cl. Partly these result from-captures on n-rich isotopes already present during C-burning,
and partly from weak interactions (electron captures) suclrR@& , v)3°Si. As a result the overall
number of neutrons in the remnant Si-S core exceeds the number ofpfotpr> 1) and therefore
that of electrons (implying thate > 2).
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Figure 12.8. Schematic overview of
the onion-skin structure of a massive
star at the end of its evolution.

Silicon burning

When the central temperature exceeds B K, a process known as silicon burning starts. Rather
than a fusion reaction this is a complex combination of photo-disintegration-@agture reactions.
Most of these reactions are in equilibrium with each other, and their abaeda@an be described by
nuclear equivalents of the Saha equation for ionization equilibriumTFer4 x 10°K a state close

to nuclear statistical equilibrium (NSE) can be reached, where the most abundant nuclei are those
with the lowest binding energy, i.e. isotopes belonging tatbe group. The abundances are further
constrained by the total number of neutrons and protons present. Due tetlkron excess of the
oxygen burning ashes (see above), the final composition is m8E#yand>Cr.

Silicon burning also occurs in a convective core~xofl M and its duration is extremely short,
of order 102yr. As in previous phases, several convective shell-burning egisosually follow in
quick succession. The precise extent and number of these conveetines determines the exact
value of the final mass of thieon core, which has important consequences for the following core
collapse and supernova phase (see Sec. 13.2).

12.3.3 Pre-supernova structure

We have obtained the following general picture of the final stages in thefldentassive star. The
C-0O core left by helium burning goes through a rapid succession dééauburning stages, during
which the stellar envelope (and the star’s position in the H-R diagram) remagsyainchanged.
After the exhaustion of a fuel (e.g. carbon) in the centre, the remainiregamtracts and burning
continues in a surrounding shell. Neutrino losses speed up the contrantidmeating of the core,
until the next fuel (e.g. neon) is ignited in the centre. At each subséduening stage the outer
burning shells have advanced outward, while neutrino cooling has bevoneedficient, resulting in
a smaller burning core (in mass) than during the previous stage. Eventusliyatis to amonion-skin
structure, depicted schematically in Fig. 12.8. The star is composedtefedit concentric shells,
which consist of heavier nuclei as one moves from the from the envetoyperds the centre, and
which are separated by burning shells. Often the nuclear burning, béile icentre and in shells,
causes convective regions to appear that partially mix the various okilotagers. This leads to
rather complicated abundance profiles at the moment when the inner cogeima through silicon
burning and is composed of iron-group elements. An example of this steustshown in Fig. 12.9
for a 15M,, star.

At this point the mixture of nuclei in the inner core has reached the minimunmigpesaiclear
binding energy, given the ratio of neutrons to protons that is presenthé@e&omposition is mainly
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Figure 12.9. Final composition profiles of a 18, star (see Fig. 12.7), just before core collapse. “Iron”nefe
to the sum of neutron-rich nuclei of the iron group, espéciziFe. Figure from Woosley, Heger & Weaver
(2002).

6Fe. From this iron core no further energy can be extracted by nucls@nt it has become inert.
The iron core rapidly becomes unstable and starts collapsing, giving r&ssupernova explosion.
The collapse of the core and its consequences are discussed in tichayabetr.

Suggestions for further reading

The evolution of massive stars, including theets of mass loss and rotation, is treated in detail in
Chapters 27 and 28.1-4 of Adber. A thorough review of the current state of our understanding of
the evolution of massive stars, their explosions and nucleosynthesiseis lgyvWoosley, Heger &
Weaver (2002, Rev. Mod. Ph., 74, 1015). Several of the figuoas this article are reproduced in this
chapter.

Exercises

12.1 Mass loss of massive stars during the main sequence

The mass-luminosity relation for massive stars on the maguence is approximately
L M
lo (—) ~ 0,781+ 2.760x lo (—')
g L + x log My
whereM; is the initial mass. The mass loss rate of massive stars camiobe approximated by
. L
logM ~ -1276 + 1.3 x log (—)
Lo
The duration of the main sequence phagein years is approximately

log Tws ~ 7.719— 0.655x Iog(%).
o
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(a) Calculate the fraction of mass that is lost by massives stith M; = 25,40,60,85 and 12M,
during the main sequence phase.

(b) A star with an initial mass of 881, on the zero age main sequence has a convective core that
contains 83 % of the mass. Calculate the time at which predfatuclear burning will appear at
the surface.

(c) Wolf-Rayet (WR) stars are massive stars that have lost practically ttoenplete hydrogen rich
envelope. They can be classified according to their surfagedances:

WC No hydrogen, high abundances of He, C and O
WNE No Hydrogen, NHe ratio consistent with CNO equilibrium
WNL Some Hydrogen, He ratio consistent with CNO equilibrium

Put the sub-classifications in ‘chronological order’. Whaitet of WR is the star in question b)?
12.2 Maximum mass loss rate for a radiation driven wind

(a) Assume that all photons transfer their entilementum to the outflowing wind. Show that the
maximum mass loss rate that can be driven by radiation isdiye
. L
M < Mpax = —,
max VooC
wherev,, is the velocity of the wind at a large distance of the star.

(b) Show that with this maximum mass loss rate,kimetic energy of the wind is only a small fraction
of the luminosity, i.e.

1.
EMmaxvso <L (Voo = 3Vesd

12.3 Burning stages
(a) Explain why the timescales of the burning stages fronu@ng onward are very short compared
to the H- and He-burning phases.

(b) Why does neon burning precede oxygen burning (why doexitraat a lower temperature) even
though?°Ne is a heavier nucleus thaf0?

(c) The end result of nuclear burning in a massive star is @nelike structure of the ashes of the
various nuclear burning stages. Try to identify these Isyand the nuclear reactions that are
responsible for them, in Figure 12.9.
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Chapter 13

Stellar explosions and remnants of
massive stars

13.1 Supernovae

Supernovae are stellar explosions during which the luminosity of a stareedd — 10'° L, at maxi-
mum, remaining bright for several months afterward. At least eight sopae have been observed in
our Galaxy over the past 2000 years, by Chinese and in some casbyg d&guanese, Korean, Arabian
and European astronomers (see Table 13.1). The remnants of thesgosae are in most cases still
visible as luminous expanding nebulae, containing the matter that was expeledexplosion. The
supernova that left the remnant known as Cas A has not been repitstegplosion date has been
inferred from the expansion rate of the nebula. Recently, howeveligiiteecho of this supernova,
as well as that of Tycho's supernova of 1572, have been deteasu\ithich the supernova type
has been determined. No supernova is known to have occurred in taxyGa the last 340 years.
Most of our observational knowledge comes from extragalactic sopaen the first of which was
discovered in 1885 in the Andromeda galaxy, and which are currentlg\dised at a rate of several
hundred per year thanks to dedicated surveys. A Galactic superatavafrabout 1 every 30 years
has been inferred from this.

Table 13.1. Historical supernovae.

year (AD) V (peak) SNremnant SNtype compact object

185 -2 RCW 86 la? -
386 ? ?
393 -3 ? ?
1006 -9 PKS1459-41 la? -
1054 -6 Crabnebula 1l NS (pulsar)
1181 -1 3C58 I NS (pulsar)
1572 -4 ‘Tycho’ la -
1604 -3 ‘Kepler’ la? -
~1667  2+6 Cas A IIb NS
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Supernova classification

On the basis of their spectra, supernovae (SNe) have been historiealtjfied into Type | (those
that do not show hydrogen lines) and Type Il (those that do). A maaldd classification scheme
that is currently used, is shown in Fig. 13.1.

Type la The main spectral features are the lack of H lines and the presencengf Siridlines around
maximum brightness. After several months, lines of Fe and Co appear ipgdhga Type la
supernovae occur in galaxies of all types, including elliptical galaxiesiwindy contain old
stellar populations, indicating that SNe la can have long-lived, low-maggepitors. They are
caused by théhermonuclear explosion of a CO white dwarf that reaches the Chandrasekhar
limit Mcp, by mass accretion in a binary system (see Sec. 13.3). About 25-30%seifved
supernovae are of Type la. They are (on average) the most lumifalisopernova types and
their lightcurves (see Fig. 13.2) form a rather homogeneous grouphwra&es them of great
interest as cosmological probes.

Type Il The spectra of Type Il supernovae are dominated by H lines, while linéa,dd and Mg are
also present. SNe Il occur in the spiral arms of galaxies where star tiorriakes place, and
therefore correspond to the explosion of massive stars with short lifetikivéd about 50%
of all supernovae, these are the most common type of stellar explosionll fxia the main
class of explosions associated with ttoee collapse of massive stars that have hydrogen-rich
envelopes. In several cases, the progenitor stars of Type |lrsoyser have been detected be-
fore the explosion. With the notable exception of SN 1987A (see Sec. 1,3#8e progenitor
stars wereaed supergiants with masses 81, < M < 16 M.

Type Il supernovae show a variety of lightcurve shapes (Fig. 13m2he basis of which they
are often sub-classified infiype II-P (showing, after an initial rapid rise and decline in bright-
ness, along ‘plateau’ phase of almost constant luminosity lasting 2—3 mbaetbse a slow ex-
ponential decay) andlype II-L (which lack the plateau phase). In addition, one distinguishes
Type llb, in which the spectral signatures change from Type Il to Type Ib (sé@; and
Type lIn, showing narrow emission lines on top of broad emission lines, which argiated

as resulting from heavy mass loss prior to the explosion.

Type Ib and Ic Type Ib supernovae have strong He lines in their spectra, which aiadgokType Ic
supernovae. Both types show a lack of hydrogen, and strong lines@d @d Mg are present.
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. Figure 13.2. Schematic super-
nova lightcurves. Typical max-
imum B-band magnitudes are
. —195 for SNe la,—17.6 for both
SNe Ibc and Il-L, and-17.0

§ for SNe II-P. The lightcurves of
SNe Ic resemble those of SNe Ib.
Figure from Filippenko (1997,
ARA&A 35, 309).
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Similar to SNe I, they are found in star-forming regions, and their late-timetspare also
similar to Type Il. Hence Type Jbo supernovae are also associated with core collapse of massive
stars, namely those that have lost their H-envelopes prior to explosiaether they consti-

tute about 20% of all supernovae. A subclass of very bright Typeipesovae, known as
hypernovae, may be associated with gamma-ray bursts.

13.2 Core collapse and explosion of massive stars

As indicated in Fig. 13.1, essentially all types of supernova — exceptl@pappear to be associated
with the core collapse of massive staxsd M) at the end of their evolution. The distinction between
the diferent types and subtypes of core-collapse supernovae is relatdtetenties in the structure
and composition of the envelopes of the progenitor stars. For exampleragengors of Type Il
supernovae are still surrounded by a massive H-rich envelope at theemaf explosion, while
SN Ib progenitors have lost their H-rich envelopes and SN Ic progenitave also lost most of the
He layers surrounding the core. This sequence can be the conseqfemass loss from stars of
increasing initial mass (see Sec. 12.2), but can also result from interadgtiva binary companion.

13.2.1 The collapse of the iron core

Despite these dierences in appearance, tpigysical mechanism is similar in all core-collapse su-
pernovae. We have seen in Sec. 12.3.3 that starsMith 11 M, form an inner core composed of
iron-group elements (mostRfFe) at the end of their evolution. From this iron core no further energy
can be extracted by nuclear fusion: it has become inert.

The iron core is in a peculiar state in several respects. Because dhoedoling during the late
evolution stages, the core typically has a considerable degree of eldegeneracy, except for the
largest stellar masses (see Fig. 12.5). However, the high temperatuterssity & 10° g/cm®) mean
that the electrons are always relativistic (their typical energy exceedf3. In that case contraction
cannot be stopped, even if the core is degenerate, and must contirthe very rapid, neutrino-
mediated thermal timescale. Furthermore, since the relativistic electron gasatiesrine pressure,
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the adiabatic exponentg is close tog‘. The iron core is therefore very close to a state of dynamical
instability. Two processes occur at high density and temperature thatbeetto accelerating the
(already rapid) contraction into a dynamical collapse of the core.

Electron captures At very high density free electrons can be captured and bound intovo#eer
B-unstable heavy nuclei. This process, also known as iny&deray, occurs when the most
energetic electrons have energies high enough to overcomeffagedce in nuclear binding
energy (see also Sec. 11.2). As a result, the composition becomes iimgleagutron-rich
— a process known aweutronization. Furthermore, the electron pressure decreases which can
destroy the precarious state of hydrostatic equilibrium and trigger the seltzfgthe core.

If the core is significantly degenerate, the Chandrasekhar mass playpartant role. For a
composition of predominantl§Fe one would exped¥ich = 5.83ug? My ~ 1.26M,. Elec-

tron captures increase the average mass per free eleptjoand thus decrease théextive

Chandrasekhar mass. This can bring the core mass above this criticahnabfcilitate its
collapse.

Electron captures can also trigger the collapse of stars with initial masses bseld M,
which develop degenerate O-Ne cores at the end of their lives. If the @h#sis core can grow
(through shell burning) to 1.3W,, electrons are captured B$Mg and?°Ne which initiates the
collapse of the core. Stellar explosions caused by this mechanism are eeatkedn-capture
supernovae.

Photo-disintegration If the temperature in the contracting core reaches values close"t& 1the
energy of the photons becomes large enough to break up the heaviiniaclghter ones, in
particular®®Fe is disintegrated into particles and neutrons:

®Fe+y o 13%He+4n (13.1)

This reaction is in statistical equilibrium and the abundances of the nucldveware de-
termined by a Saha-type equation, the balance shifting more towards théaigtside the
higher the temperature. The process is thus similar to the ionization of hygrage results in
loweringyaqto below the critical value o% The core therefore becomes dynamically unstable.
This process dominates in relatively massive iron cores.

The photo-disintegration 8PFe requires a lot of energy, about 2 MeV per nucleon. This energy
is absorbed from the radiation field and thus ultimately from the internal groéthe gas. As

a result the pressure decreases quite drastically, triggering an alnmsalifreollapse of the
core.

The collapse is extremely rapid, taking of the order of 10 msec, becauke short dynamical
timescale at the high density (L0'°g/cm?®) when the collapse is initiated. During the collapse the
temperature and pressure keep rising, but never enough to reversglpse until nuclear densities
are reached. Further photo-disintegrations can occur due to thedimggzhoton energies, which
was once thought (prior to 1980) to dissociate everutiparticles completely into free protons and
neutrons fHe + y — 2p+ 2n, which would require another 7 MeV per nucleon of internal energy
from the gas). It has since become clear that full dissociatiéPFef intoa particles and free nucleons
does not occur during the collapse. On the other hand, electron caphniteprotons (e~ — n+v)
inside the heavy nuclei continue the process of neutronization, creatirgand more neutron-rich
nuclei. These eventually merge, creating what is essentially a gigantic stelr-nucleus, when
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approaches nuclear densities of the ordéf* fi&m?®. The composition inside the core is predom-
inantly neutrons, which become degenerate and thereby modify the eqoatitate to suddenly
become ‘sfii’, i.e. the neutron gas becomes almost incompressible. This terminates theealtap
core radius oR; ~ 20 km.

Energetics of core collapse and supernova explosion

The gravitational energy released during the collapse of the core cestibeated as

GM? .\ GMZ GMZ
Rei Ref Ref

assuming homologous collapse of a cordvef ~ 1.4 M from an initial radiusR;; ~ 3000 km to a
final radiusR;s ~ 20 km <« R;. Let us compare this with the energy necessary to expel the envelope,
which has no time to follow the core collapse,

M 2
Gm GM
Eenv = fc T dm <« T (133)

Egr ~ — ~ 3x 10%erg (13.2)

The upper limit (13.3) isc 10°3erg forM = 10M,, but taking into account a realistic mass distribu-
tion in the envelope, this estimate comes dowiE¢g, ~ 10°Cerg. Only a very small fraction of the
energy released in the collapse of the core is needed to blow away tHepmvPart of the energy
goes into kinetic energy of the ejected envelope and energy radiatedogvibg supernova. For a
typical Type Il supernova, the ejected envelope 19 M, and observed ejecta velocities are about
10*kmys, giving Exin ~ 10°1erg. The supernova has a luminosityr 2 x 10° L, for up to several
months, so that the total energy lost in the form of radiatidBpis~ 10*erg. Therefore

such that only a small fraction of the energy released in the collapse isrudeslactual explosion.
The question is how this fraction of about 1% of the gravitational enengypeaonverted into kinetic
energy of the envelope, which turns out to be a vefigdilt problem.

13.2.2 The explosion mechanism

When the collapsing core reaches nuclear densjtigs € 3 x 10'g/cm®) the neutrons become de-
generate, resulting in a strong increase in pressure. Furthermoleaniocces between the nucleons
become important. Thesé&ects reverse the collapse. When the inner part of the core is compressed
to ~ 1.5 times nuclear density, it bounces back like a spring — an event nemnebounce.

As the velocity of the inner core material is reversed, it encounters matter the still free-
falling outer part of the core. If the collision were perfectly elastic, the roabee would bounce
back to its initial radius even if the inner core were stationary. The outward motithe inner core
thus gives the possibility of a ‘super-elastic’ core bounce that mightetealoly explode the star.
The impact of the infalling matter is supersonic and creates a shock wav&ekaens as it travels
outward into regions of lower density. The kinetic energy stored in thekslvage was once thought
to be sifficient to blow df the envelope, giving rise to a so-callpbmpt explosion. However, two
problems arise that prevent such a prompt explosion to occur.

First, as the shock wave travels through the infalling matter which still mostly densisron-
group nuclei, it heats up the nuclei and disintegrates thiéectévely into protons and neutrons. We
can estimate the energy spent in photo-disintegration by noting that the biewéngy of ar’®Fe
nucleus is about 9 MeMucleon, so that the disintegration of an iron core of M4 (1.7 x 10°7
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nucleons) requires about>x210°2erg. Note that this amounts to absorbing, during a fraction of a
second, practically all of the nuclear energy that was released dugrligetime of the star!

Second, electron captures on the free protons created behind tlkepsbdace energetic neutri-
nos by means of

p+€ —n+wv.

These neutrinos take away the largest fraction, about 90%, of thgyereleased in the collapse,
especially as the shock moves into relatively low-density regiariot? g/cm?®) from where they can
easily escape. In the case of supernova 1987A these neutrinosd@velétected (see Sec. 13.2.3).
As a result, the shock wave fizzles out before it reaches the envefape gtar and no prompt
explosion occurs.

Effects of neutrinos

The role played by neutrinos during core collapse requires closer ex@mnindhe neutrinos pro-
ducedbefore the collapse set in had typical energies of the order of the thermal eokthg elec-
trons (see Sect. 12.3.1). During the collapse neutrino production byon&étion (electron captures)
dominates. The typical energy of these neutrinos is of the order of tinei Eaergy of the relativistic
electrons,

E, _Er E_h(?, p)

M2 Me? M MeC \87 pemy

1/3 1/3

~ 1072 (ﬁ) , (13.4)
He

using eq. (3.33) and the relatipn= uemyne, and withp in g/cm? in the last equality. In the presence
of heavy nuclei, the neutrinos interact mainly through so-called cohscatiering with these nuclei,
with a typical cross section of the order

2
oy~ 10—45A2(E—V2) cn?, (13.5)
MeC
which gives together with eq. (13.4),
2/3
o, ~ 10—49A2(ﬁ) cn?. (13.6)
He

If n=p/(Amy) is the number density of nuclei, the mean free gatbf the neutrinos in the collapsing
core can then be estimated as

-5/3

~ 2% 1025i(” ) cm (13.7)

l, ~ —
" noy, peA \ e

Takingue ~ 2 andA ~ 100, we find with eq. (13.7) that wheniue ~ 4 x 10° g/cm®, the neutrino
mean free pattf, ~ 10’ cm, which is the typical dimension of the collapsing core. Apparently,
neutrinos can no longer escape freely at the high densities prevailingdoltapsing core. The core
becomes opaque for neutrinos, which can onfjude out of the core via many scattering events.
Towards the end of the collapse phase, when3 x 10 g/cm?, the difusion velocity even becomes
smaller than the infall velocity of the gas, so that neutrinostemgped in the core. Analogous to
the photosphere of a star, one can define a ‘neutrinosphere’ in thelayges of the core where the
density is low enough for the neutrinos to escape. Interior to this, there&u#rino trapping surface’
below which the neutrinos are trapped.
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The real situation is much more complicated becatsdepends on the neutrino energy, so that
the neutrino transport problem has to be solved in an energy-dependgn The congestion of
neutrinos in the core causes them to become degenerate (since neutif@srdons) with a high
Fermi energy. Electron capture becomes less probable, becausevtheutenos have to be raised
to the top of the Fermi sea. Neutronization therefdfeatively stops whep ~ 3 x 102 g/cne.
Only after some neutrinos havefilised out of the core can further neutronization take place. The
process of neutronization therefore takes about 3—10 seconds, tivhiollapse only takes a few
milliseconds.

The deposition of neutrino energy in the core provides an energy esdliat may revive the
shock wave and cause an explosion. Neutrin@sising out of the collapsed core (the proto-neutron
star) heat the region through which the former shock wave has passieth, stretches from-30 km
to 100-300km, and cause it to become convectively unstable. Convectisptbvides a way to
convert some of the thermal energy from neutrino deposition into kinetiggnklulti-dimensional
hydrodynamical calculations show that the outward force thus createaleacome the ram pressure
of the outer layers that are still falling onto the core and launch a suctesgflosion, but only for
rather low initial stellar masses (up 1011 Mg).

A recently proposed alternative is that the proto-neutron star becorsésblato g-mode oscil-
lations, which generate acoustic energy that builds up in the shockedh reffi@se acoustic waves
eventually cause an anisotropic explosion, whereby the core still ascretene side while the explo-
sion occurs in the other direction. The asymmetric explosion that results rf@gxmain the large
space velocities of radio pulsars, which indicate that neutron starseecéiick’ at birth.

13.2.3 Lightcurves of core-collapse supernovae
The main physical parameters that determine the appearance of a siap&neo
¢ the total kinetic energy imparted by the explosion into the envelope,

¢ the structure (density profile and chemical composition) of the pre-sopeistar, as well as
the possible presence of circumstellar material lost by the star earlier in itgieno

e energy input by decay of radioactive isotopes ejected in the explosion.

As we have estimated above, the typical kinetic energy of the explosion ieafrtler of Eyj, ~
10°1erg! Given the uncertainty in the precise physical mechanism that convé#sof the core-
collapse energy into an explosion (Sec. 13.2.2), one usually models ttssiens by injecting a
specified amount of energy at the bottom of the envelope by means oten’piBoth Ey;,, and the
mass boundary between core and envelope (or ‘mass cut’) are unaarthare usually treated as
free parameters.

The visible supernova explosion starts when the shock wave induceck Ipiston reaches the
stellar surface, giving rise to a short puls€0 minutes) of soft X-ray emission. The luminosity then
declines rapidly as the stellar surface expands and cools. The exgamlielope remains optically
thick for a sficient amount of time that most of the explosion energy is converted into kinetigy
of the outflow. When the envelope has expanded enough to become ogtidallgnly ~1% of the
initial kinetic energy has been converted into radiation, as the total amoemieody radiated away
in the supernova is about 4%erg.

When a massive H-rich envelope is present, the recombination of ioniziddsn provides an
additional source of energy once the envelope has become optically thooals dficiently. As the

1The quantity of 16" erg is sometimes referred to as 'f.o.e.” in the supernova literatucehas recently been defined
as a new unit ‘bethe’ (1 B: 10°* erg) after Hans Bethe, a pioneer in supernova studies.
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envelope keeps expanding, a recombination wave moves inward in madset®, while staying at
roughly the same radius and temperature. This gives rise to the plateauiplts lightcurve of a
Type 1I-P supernova. This phase ends when the recombination waseuti@s it meets the denser
material of the inner envelope which expands at smaller velogityOf knys). If the H-rich envelope
is not massive enough to sustain such a recombination wave, the platessuiplabsent (Type II-L
lightcurves).

In the last phase of the supernova the lightcurve is determined by the cadéodecay of iso-
topes released in the explosion. The main source of radioactive enéfiNi,isvhich undergoes two
electron captures to produce stafiEe:

Ni +e” — 56C0+V+7 (T1/2 =6.1d)
%Co+e — ®Fe+v+y  (112=770d)

The exponential decline of the luminosity after 50—100 days corresporttie decay of°Co. The
amount oP°Ni ejected in the explosion, required to explain the observed lightcurvesig 8.07M,
for a typical Type Il supernova. This puts constraints on the positionefritass cut’ between the
collapsing core and the ejected envelope (the remainder dfMiesynthesized is locked up in the
collapsed compact object). The lightcurves of Type Ib and Ic supamare completely dominated
by this radioactive decay, after the initial luminosity peak caused by shreekout. Other radioactive
isotopes (with longer half-lives tha3Co) can also play a role in the lightcurve at later stages.

SN 1987A

This supernova (Type 1l) in the Large Magellanic Cloud was the neargstrnova observed since
Kepler's supernova in 1604. Its progenitor is known from images takdord the supernova: sur-
prisingly it was ablue supergiant, witi. ~ 1.1 x 10° L, andTes ~ 16 000K, and a probable initial
mass of about 1B, Its relative faintness at peak magnitude is probably related to the comgsctne
of the progenitor star compared to the red supergiant progenitors ofISHN 1987A is the only
supernova from whicheutrinos have been detected, shortly before the visible explosion. During 10
seconds, detectors in Japan and the USA detected 20 neutrinos witlesmertgveen 8 and 40 MeV.
These energies and the 10 sec time span correspond to the transfornia@ioRe core into a hot
proto-neutron star during core collapse (see Sec. 13.2.2).

13.2.4 Final masses and remnants

Figure 13.3 shows the possible relation between the initial mass of a starofsaédlicity, the mass
just before the moment of explosion and the final mass of the remnant. This figgbased on a
particular set of stellar models, and the precise masses are depentiembssumed mass-loss rates,
convective overshooting etc., and also depend on metallicity. The pegrsaya mass is determined
by mass loss during the evolution of the star, which becomes important for misistes 15Mg
(Sec. 12.2). For masses abov@0 M, mass loss is strong enough to remove the H-rich envelope as
well part of the material that was inside the He core and even the C-Ogstmen as green shading.
The type of stellar remnant left behind depends, first of all, on whetlecahapse of the iron
core successfully generates a supernova explosion. As discus®eg] ¢his is still an area of large
uncertainty. Detailed numerical simulations do indicate, however, that @ssfot explosion is more
likely the lower the initial mass of the star, or rather, the lower the mass of its Gr® Stars with
initial masses up to 20, probably leaveneutron star remnants. With increasing mass, the amount
of kinetic energy generated by the collapse decreases, while the bintbngyeof the envelope in-
creases. If only a weak explosion is generated, some of the materialdejeatefall back onto the

195



proto-neutron star. If accretion causes the mass to exceed the maximsilgaosass of a neutron

star — which is uncertain but probably lies in the range 23 then the proto-neutron star will col-
lapse and form &lack hole. The mass limit separating stars that form neutron stars and those that
leave black holes is probably in the range 20MR5 but is sensitive to the details of the explosion
mechanism as well as to the maximum neutron-star mass. It is even possibuth#o, the non-
linear behaviour of mass loss, the relation between initial mass and final nemmeon-monotonic

and that stars above a certain mass again leave neutron stars (asexiggesy. 13.3). On the other
hand, if mass loss is weak and a massive C-O core is left prior to core sm|laguccessful supernova
shock may not develop at all and the entire star may collapse directly intolahmée
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Figure 13.3. Initial-final mass relation for stars of solar compositidime blue line shows the stellar mass after
core helium burning, reduced by mass loss during earliesggha=omM = 30 M, the helium core is exposed as

a WR star, the dashed line gives two possibilities dependintp® uncertain WR mass-loss rates. The red line
indicates the mass of the compact stellar remnant, reguttiom AGB mass loss in the case of intermediate-
mass stars, and ejection of the envelope in a core-collapszrsova for massive stars. The green areas indicate
the amount of mass ejected that has been processed by helimmdand more advanced nuclear burning.
(Figure from Woosley et al. 2002).
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13.3 Type la supernovae

Type la supernovae are fundamentallffetient from other SN types, because they are not associated
with the core collapse of massive stars. Instead they are caused tigtmenuclear explosion of a
CO white dwarf that reaches a critical mass for carbon ignition.

Carbon-burning reactions can occur in a low-temperature degenesiéthe density is fii-
ciently high, about % 10° g/cm?® (these are known gsycno-nuclear reactions, see Sec. 6.2.3). These
densities are reached in the centre when the mass is very close to the Gb&hdranass of 1 M.
Because the gas is strongly degenerate, carbon burning is unstabadado a strong increase in
temperature at constant density and pressure. This is analogous tbapipains during the core He
flash in low-mass stars, except that the degeneracy is so strong thatdhlyabe lifted when the
temperature has reached about®#0. The ignition of carbon therefore causes the incineration of all
material in the core of the white dwarf to Fe-peak elements (in nuclear statistjadibrium). An
explosive burning flame starts to propagate outwards, behind which nhategiergoes explosive nu-
clear burning. The composition of the ashes depends on the maximum tempeeaithed behind
the flame, which decreases as the burning front crosses layers ofdodiéower densities (although
still degenerate). The composition is maififiNi in the central parts, with progressively lighter el-
ements (Ca, S, Si, etc) in more external layers. The total energy relbgsedlear burning is of
order 18t erg, which is stiicient to overcome the binding energy of the white dwarf in the explosion.
Therefore no stellar remnant is left.

The lightcurve of a Type la supernova is powered by the radioactivaydef the®®Ni formed in
the explosion. The nickel mass is a substantial fraction of the mass of thedmaté 05— 1.0 M,
which is the main reason for the greater peak luminosities of SNe la compamemstaore-collapse
supernovae. About 50 days after maximum brightness, an exponestt) df the lightcurve occurs
due to radioactive decay 8fCo into°°Fe.

In single stars of intermediate mass, the degenerate CO core cannot glmv@bandrasekhar
limit because mass loss quickly removes the envelope during the AGB phlas&1()C Even if the
Chandrasekhar limit were reached, the remaining H-rich envelope waulskca strong hydrogen
signature in the supernova spectrum which is not seen in SNe la. ©hefefs commonly agreed
upon that the CO white dwarfs that cause SN la explosions grow bytegrmass in a binary
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Figure 13.4. Critical mass transfer rates for
hydrogen-accreting white dwarfs, as a func-
tion of the WD mass. Only for a small range
of mass transfer rates (hatched area) can the
material quietly burn on the WD surface, and
thus lead to a growth of the WD mass to-
wards the Chandrasekhar mass and a SN la
explosion. (Figure from Kahabka & van den
Heuvel 1997).
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system. However, the exact mechanism by which this happens is still a matkebate. Two types
of progenitor scenarios are being discussed:

The single degenerate scenaridn this scenario the white dwarf accretes H- or He-rich matter from
a non-degenerate binary companion star: a main-sequence starjantagl @ helium star (the
stripped helium core of an initially more massive star). TH&dlilty is that steady burning of
H and He, leading to growth of the mass of the white dwatrf, is possible onlyfi@rrow range
of accretion rates (see Fig. 13.4). If accretion is too fast, a H-richlepeés formed around
the white dwarf (which would have an observable signature if the WD erglodf accretion is
too slow, the accreted matter burns in unstable flagtm& Eutbursts) that throwfdalmost as
much mass as has been accreted, such that the WD mass hardly gronesehit guch models
are too restrictive to explain the observed rate of SN la in galaxies.

The double degenerate scenaridn this case the Chandrasekhar limit is reached by the merging of
two CO white dwarfs in a close binary system. Such a close double WD cand®ia result
of strong mass and angular momentum loss during binary evolution (a proaksdcommon
envelope evolution). Once a close double WD system is formed, angular momentumyloss b
gravitational waves can bring about the eventual merger of the systemoughhat present
no convincing evidence exists for a double WD binary with a total mass irsexaf@cp, the
theoretical merger rate expected from binary evolution models appdicsesu to explain the
observed SN la rate (note, however, that these models have largeaimttes). The main doubt
about this scenario is whether the C-burning initiated by the WD merger ledds tequired
incineration and explosion of the merged white dwarf, or proceeds guidg@nd results in a
core collapse.

Suggestions for further reading

See Chapter 28.4-6 of Mper.

Exercises

13.1 Energy budget of core-collapse supernovae

(&) Neutron stars have a radius of about 10 km. Use this tmattithe energy generated during a
core collapse supernova (Hint: assume that before thepsellthe core is like a white dwarf with
massM; = Mcp, whereMgy, is the Chandrasekhar mass, and thatfitess no significant mass loss
after the collapse).

(b) The kinetic energy measured in the supernovae ejectaist &y, = 10°* erg. What is a typical
velocity of the ejecta, if the original star was one ofNIg?

(c) The supernova shines with a luminosity ok2(® L, for about two months. Estimate the total
energy in form of photons.

(d) Which particles carry away most of the energy of the supega® Assuming an average energy of
5MeV of those particles, how many of them are created by arsopa?
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13.2 Neutrino luminosity by Si burning

13.3

Silicon burning forms iron out of silicon. Assume that 5 Me¥emergy are liberated by creating one
56Fe nucleus from silicon, and that the final result of this imgrs an iron core of about ®,. Silicon

burning only lasts about one day, as most of the liberatedygrie converted into neutrinos (of about
5MeV each).

(@) Compare the corresponding neutrino luminosity to tfi@uwpernova 1987A, which can be well
approximated by the calculations in Exercise 13.1.

(b) Now, knowing that this supernova was 50 kpc away, anddbaut 10 neutrinos were detected

during one second: how close does the silicon burning star teebe, such that we can detect the
neutrino emission?

Carbon ignition in a white dwarf

When a white dwarf approaches the Chandrasekhar mass, ttalcgensity exceeds 2 10° g/cn?®,
carbon is ignited under degenerate conditions which wiitkjy burn the whole white dwarf to iron-
group elements (mainly®Ni). Compare the energy liberated by nuclear fusion to trevitational
binding energy of the white dwarf. What will be the outcomeglhe masses 6fC, 150 and®®Ni

nuclei in Table 6.1, and assume that the white dwarf is coegbag equal mass fractions &C and
160_)
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